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Abstract
Scalar fields appear in many cosmological models, in particular in order to provide
explanations for dark energy and inflation, but also to emulate dark matter. In this
paper, we show that it is possible for a scalar field to replace simultaneously dark mat-
ter, dark energy and inflation by assuming the existence of a non-minimal coupling to
gravity, a Mexican hat potential, and a spontaneous symmetry breaking before infla-
tion. After inflation, the scalar field behaves like a dark fluid, mimicking dark energy
and dark matter, and has a dark matter behaviour similar to fuzzy dark matter.
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1 Introduction
According to the ΛCDM standard cosmological model, more than 95% of the energy in the
Universe is unknown, and the nature of dark energy and dark matter remains one of the most
important and unresolved questions. The behaviour of dark matter and dark energy can
be described using scalar fields. The only fundamental scalar field of the Standard Model
of particle physics is the Higgs field, whose existence was experimentally confirmed by the
discovery of the Higgs boson and measurements of its production and decay rates [1,2]. The
Higgs field is however not a viable candidate for dark energy or dark matter.
Dark energy was postulated to explain the recent acceleration of the expansion of the
Universe. In the ΛCDM model the observations can be described using a simple cosmological
constant Λ, equivalent to a constant dark energy density with a negative pressure. Such a
constant density can also be obtained with a scalar field dominated by its potential. In this
context quintessence models [3, 4], which are based on scalar fields, aim at replacing the
cosmological constant paradigm by a scenario with a dynamical field. The main difference
between the quintessence scenarios and the ΛCDM model is that the quintessence density
is expected to evolve and could have played a role at earlier stages of the expansion of the
Universe. The main issue is that the choice of the scalar field potential is still an open
question.
Dark matter was postulated to explain extra gravitational effects which are observed
at large astrophysical and cosmological scales, for example within the flat spiral galaxy
rotation curves. Indeed the baryon matter density obtained via the luminosity function of
spiral galaxies is inconsistent with the observed rotation curves. Such observations however
would be compatible with the existence of an invisible matter, dark matter, which cannot
originate from the Standard Model. Many models suggest that dark matter is made of
weakly-interacting massive particles (WIMPs), direct or indirect dark matter detection
experiments and collider searches have been so far unsuccessful in finding dark matter
particles. Furthermore WIMP dark matter is expected to be cold, with low velocities, and
galaxy simulations have revealed problems such as cuspy halos and missing satellites [5].
Other models which have been suggested to explain the cosmological observations are the so-
called fuzzy dark matter [6] and spintessence [7] models, in which dark matter is described
by a scalar field with a very tiny mass of m ∼ 10−22 eV. At galactic scales the scalar
field forms Bose-Einstein condensates which may constitute galaxy-sized dark matter halos.
Such halos have been shown to reproduce the observed rotational curves [8].
Cosmological scalar fields are not used only to describe dark energy and dark matter.
The chaotic inflation models are also based on scalar fields. These models have been intro-
duced to solve two problems [9]: The first one is the horizon problem, which arises because
the cosmological microwave background (CMB) is highly homogeneous even in apparently
causally disconnected regions. The second one is the flatness problem, which requires a
fine-tuning of the curvature parameter at the beginning of the Universe. These problems
can be solved by assuming the existence of an exponentially-accelerated expansion in the
early Universe, which may have been driven by scalar fields generating inflation.
The scalar fields are hence ubiquitous in cosmology, even if only one exists in the Stan-
dard Model of particle physics. One possibility to reduce the number of cosmological scalar
fields is to unify dark energy and fuzzy dark matter using a single scalar field. This so-
called dark fluid scalar field has already been considered in Refs. [10, 11] and is a possible
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solution to both dark energy and dark matter questions. However, such a model is not
unique and the choice of the scalar field potential [12, 13] remains unclear. Nevertheless
most of the potentials that have been considered in the literature can be approximated by
the sum of a quadratic mass term leading to a matter behaviour and an approximately
constant term giving a dark energy behaviour. A second possibility is to unify inflation
and dark energy [14]. In this case the simplest model is based on a potential composed of
a mass term and a constant term which leads to two stages of accelerated expansion: The
first accelerated expansion occurs in the early Universe and the second one at the present
epoch. A third possibility is to unify inflation and dark matter. In such a case the chaotic
inflation scalar field does not decay completely during reheating, and the density surviving
the incomplete decay can behave as dark matter [15].
A step further would consist in a triple unification to explain simultaneously dark matter,
dark energy and inflation with a unique scalar field. Such a scenario was for example studied
in Refs. [16, 17] where the standard chaotic inflation scalar field with a mass m ∼ 10−6MP
survives after an incomplete decay. The key feature of this scenario is that the scalar field
density remains negligible during the radiation-domination era and oscillate around a non
zero-minimum after radiation domination. Another model studied in Ref. [18] relies on a
non-canonical kinetic term.
In this article we present a more natural triple unification scenario based on a cosmolog-
ical scalar field undergoing a symmetry breaking before inflation. The inflationary period
will be similar to Starobinsky inflation [19], and the resulting scalar perturbations in the
new vacuum will behave as a dark fluid, unifying dark matter and dark energy.
In the following we will first review the observational constraints on dark fluid models,
and discuss possible scalar field potentials and their advantages. In a second part, we will
present a novel triple unification scenario, before concluding.
2 Dark fluid model
A scalar field which interacts only gravitationally with baryonic matter associated to a
dominating quadratic mass term in the potential can behave as collisionless matter and be
a dark matter candidate. One the other hand a scalar field with a mostly constant potential
can explain the current acceleration of the expansion of the Universe. As discussed in
Refs. [10,11,20] it is possible to explain the dark energy and dark matter behaviours with a
unique dark fluid. We study the properties of such a scalar field in view of the observational
constraints.
2.1 Dark fluid model and observational constraints
2.1.1 Galactic scale: Fuzzy Dark Matter
Most of the dark matter models involve particles which interact only very weakly with
Standard Model particles. Such weakly-interacting massive particles (WIMPs) are still
undiscovered at colliders and in dark matter detection experiments. An alternative possi-
bility based on scalar fields, namely fuzzy dark matter [6], has recently re-attracted some
attention [5]. At galactic scale such models can reproduce the flatness of galaxy rotation
curves [21]. The scalar field, associated to a quadratic potential with a mass m, can form a
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Bose-Einstein condensate in gravitational interactions with baryonic matter. The conden-
sate constitutes a galactic halo with a typical size given by the Compton wavelength:
lcompton =
h
mc
. (1)
For a typical halo of 10 kpc, the mass m is estimated to be m ∼ 10−23 eV [12]. Having
such a small mass is an advantage for fuzzy dark matter since it does not suffer from the
so-called cuspy halo and missing satellite problems [5]. Furthermore a scalar field with in
addition to a mass term a quartic term of coupling constant λ, can also condensate within
a radius L, which can be of the order of the typical size of a cluster. The relation between
L and λ is given by:
λ =
8piGm4L2
c2
. (2)
For a typical cluster size L ∼ 1 Mpc, the value of the quartic term coupling is λ ∼ 10−89 [12].
The fuzzy dark matter model has been studied in the context of galactic halos, in
particular in Refs. [6,22]. The evolution of an ultralight scalar field φ is given by the Klein-
Gordon equation. In a static galaxy gravitational interaction can be globally described in
the Newtonian limit with the Poisson equation. In addition, a nonrelativistic dispersion
relation can be safely assumed for the wave equation. The wavefunction of the scalar field
can be written under the form ψ = A exp(iα), where A is the probability amplitude and α
the phase, so that φ = A cos(mt− α) [6]. The evolution equation reads:
i
(
∂t +
3
2
a˙
a
)
ψ =
(
− 1
2m
∇2 +mΨ
)
ψ , (3)
and the Poisson equation:
∇2Ψ = 4piGδρφ , (4)
where Ψ is the Newtonian potential, a˙/a is the Hubble parameter and δρφ = m
2δ|ψ|2/2
is the energy density of the scalar field. Equation (3) is the Schro¨dinger equation for a
self-gravitating particle in a Newtonian potential in an expanding Universe. In Ref. [6] it
is shown that ultralight particles with a mass m ∼ 10−22 eV lead to smooth and minimum-
sized halos, and therefore provide a solution to the cuspy halo and galaxy satellite problems
of standard cold dark matter scenarios. This value of the mass is also compatible with
constraints from the Lyman-α forest data and hydrodynamic simulations [5].
The Schro¨dinger-Poisson equation system (3,4) also describes a solitonic behaviour dur-
ing a head-on collision between two galaxies with Bose-Einstein condensate halos [23], that
is compatible with the observations of the Bullet Cluster [24].
Galaxy rotation curves in agreement with the observations can also be obtained with
an ultralight complex scalar field, when a stationary and regular configuration is assumed,
with the harmonic ansatz:
φ(r, t) = φ0(r) exp(iωt) , (5)
similar to the one of boson stars. A comprehensive study in general relativity has been
presented in [21], finding a best fit to the galaxy rotation curves with a mass in the range
10−24−10−23 eV. This result is similar to the one obtained in the Newtonian approximation.
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2.1.2 Cosmological behaviour
Let us now consider the cosmological behaviour of the dark fluid scalar field. We assume
a homogeneous Universe filled only with radiation, baryonic matter and dark fluid scalar
field. Using the Friedmann-Lematre-Robertson-Walker (FLRW) metric, the Einstein and
Klein-Gordon equations become:
H2 =
8piG
3
(ρφ + ρr + ρb) ,
2H˙ + 3H2 = −8piG (Pφ + Pr + Pb) ,
φ¨+ 3Hφ˙+
dV
dφ
= 0 ,
(6)
where the energy density and pressure of the scalar field are given by:
ρφ =
1
2
(
dφ
dt
)2
+ V (φ) ,
Pφ =
1
2
(
dφ
dt
)2
− V (φ) .
(7)
During the period when radiation is dominating the expansion, we can derive constraints
from primordial nucleosynthesis (BBN). At this epoch the evolution of the scalar field den-
sity is governed by its kinetic term and BBN constraints exclude large scalar field densities
such as [25]
ρφ(1 MeV) ≥ 1.40ργ(1 MeV) . (8)
The CMB and large scale structure observations provide additional constraints. Con-
sidering a scalar field with anharmonic corrections and a potential with a quadratic term
with a mass m and a quartic term with a small coupling constant λ, the main constraints
provided by the Planck and WiggleZ data are [26]:
log10(λ) < −91.86 + 4 log10
( m
10−22 eV
)
(9)
for masses heavier than 10−24 eV.
The acceleration of the expansion of the recent Universe can be in agreement with a
simple cosmological constant. On the other hand quintessence models describe dark energy
with a scalar field φ which has a constant density today and was negligible during the
matter and radiation domination periods. The Planck Collaboration provides constraints
on the equation of state wφ = Pφ/ρφ [27]. For the two parametrizations proposed in [28],
the constraints are the following:
• if wφ is constant,
wφ = −1.028± 0.032, (10)
• if wφ(a) = w0 + (1 − a)wa, where a is the expansion factor, and w0 and wa two
constants:
w0 = −0.961± 0.077 ,
wa = −0.28+0.31−0.21 .
(11)
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To have a dark energy behaviour, the dark fluid scalar field therefore needs to have in the
recent Universe a rather constant density, corresponding to a nearly constant value of φ.
2.2 Polynomial dark fluid models
2.2.1 Average evolution
We consider the cosmological evolution of a rapidly oscillating scalar field with a frequency
feff . The oscillations need to be faster than the Universe evolution, which is characterized by
the conformal Hubble time H−1. For example for the power-law potential U(φ) = λ|φ|n/n,
the average equation of state is given by
wφ =
〈Pφ〉
〈ρφ〉 =
n− 2
n+ 2
, (12)
where 〈...〉 denotes the average value over a time T such that H−1  T  f−1eff . When the
potential governs the energy density evolution, the conservation of the stress energy tensor
gives
〈ρφ〉 = ρφ,0
(
a
a0
)−3(1+wφ)
= ρφ,0
(
a
a0
)−6n/(n+2)
. (13)
2.2.2 Simple dark fluid potential
The simplest potential for a dark fluid model is the sum of the fuzzy dark matter potential
and a cosmological constant:
V (φ) = V0 +
1
2
m2φ2 . (14)
The constant V0 can lead to a dark energy behaviour provided
V0 =
Λc4
8piG
≈ 2.5× 10−11 eV4 , (15)
where Λ is the cosmological constant. The mass term behaves as a cold and fuzzy dark
matter if m is in the range:
m ≈ 10−22 − 10−21 eV . (16)
Figure 1 shows the evolution of the scalar field energy density as a function of the scale
factor a in a homogeneous Universe described by the system of equations (6). More precisely
the Universe is considered flat and composed of:
• radiation which evolves according to a−4,
• baryonic matter which evolves according to a−3,
• dark fluid which evolves like matter as a−3 when the mass term governs the scalar
field evolution and like dark energy when the constant term dominates.
Within this setup, the dark fluid can replace simultaneously dark matter and dark energy.
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Figure 1: Evolution of dark fluid scalar field density fraction as a function of the scale factor
a in the case of a potential with constant term, quadratic term with mass m = 10−22 eV,
and quartic term with coupling constant λ. Baryon and radiation densities follow those of
the ΛCDM model.
2.2.3 Quadratic potential with anharmonic corrections
Considering now one extra order in the polynomial expansion the potential reads
V (φ) = V0 +
1
2
m2φ2 +
1
4
λφ4 . (17)
In this case the scalar field evolves like:
• radiation when m2  λφ2 and V0  λφ4 ,
• cold dark matter when λφ2  m2 and V0  m2φ2 ,
• cosmological constant when λφ4  V0 and m2φ2  V0 .
The constant term V0 of the potential is in general arbitrary and we take it equal to the
cosmological constant.
The cosmological evolution of the scale factor in a Universe made of baryonic matter,
radiation and scalar field is given by:
a˙
a
= H0
√√√√Ω0r
a4
+
Ω0b
a3
+
1
ρ0cr
(
φ˙2
2
+ V
)
,
φ¨ = −3 a˙
a
φ˙− dV
dφ
,
(18)
with ρ0cr = 3H
2
0/(8piG) the critical density and ΩX = ρ
0
X/ρ
0
cr. In the early Universe the
scalar field evolution is dominated by the kinetic term φ˙2/2 and its density evolves as a−6.
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After this period the potential can start dominating, resulting in a constant density. Then
an equilibrium between the kinetic and mass terms is reached, leading to a matter behaviour.
Essentially the value of the constant density plateau depends on on the mass m, that we fix
to 10−22 eV, the initial value of φ and the quartic term . The dependence on λ is shown in
Fig. 1 for a quadratic potential with anharmonic corrections, where the initial conditions
have been chosen in order to have the same scalar field in the recent Universe. At later
times the scalar field oscillates quickly and reaches the average solution. Usually the fuzzy
dark matter potential is just a mass term with in some cases an anharmonic correction term.
Yet the potential can be much more complicated and the usual fuzzy dark matter potential
can correspond to the first orders of the Taylor expansion of a more general potential.
2.3 General potential for the dark fluid model
A possibility to improve the dark fluid model is to replace the constant part of the potential
by a dynamical term. Practically it has to be negligible during the matter domination era
in order not to affect the dark matter behaviour. One can for example add to the quadratic
term a quintessence potential [29, 30], replace the quadratic term [12], consider quantum
corrections [31], ... We will see in the following which potentials can explain simultaneously
dark energy and dark matter.
2.3.1 Extended dark matter term
Let us consider the simple case of an exponential potential. By construction:
V (φ) = V0 exp
(
m2
2V0
φ2
)
'
φ→0
V0 +
1
2
m2φ2 +
m4
4V0
φ4 ,
(19)
where the second equality is the Taylor expansion, which is valid for small φ values. V0
is fixed to the cosmological constant value V0 = 2.5 × 10−11 eV, and m ∼ 10−22 eV as
explained in the previous section, so that the effective quartic term coupling is
λ =
m4
V0
' 10−78 . (20)
Unfortunately this value is too large and is not compatible with the CMB constraints given
in Eq. (9).
A second possibility is the following potential:
V (φ) = V0 +
m4
λ
[
exp
(
λφ2
2m2
)
− 1
]
'
φ→0
V0 +
1
2
m2φ2 +
1
4
λφ4 ,
(21)
which has the same behaviour as the polynomial dark fluid model presented in the previous
section.
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Another possibility is a potential with a hyperbolic sine:
V (φ) = V0 +
m4
β
sinh
(
βφ2
2m2
)
'
φ→0
V0 +
1
2
m2φ2 +
1
4!
β2
m2
φ6 .
(22)
When φ is small, there is no quartic term and the φ6 term will have a negligible effect, so
that this potential reduces to a constant and a quadratic term.
These models have similar behaviours, which correspond to the one of a polynomial
potential. In practice the main difference between them is the position of the constant
density plateau, as explained in [25]. After the plateau, the scalar field behaves as dark
matter and/or as dark energy, and these models are indistinguishable.
2.3.2 Extended dark energy term
We consider the case in which a quintessence term is added to the dark fluid potential.
There exist two main classes of quintessence models [30]: freezing models in which the field
follows a tracker potential down to its minimum, and thawing models in which the field
continues evolving after reaching the dark energy behaviour.
To have a dark fluid model it is necessary for the quintessence term not to modify the
dark matter behaviour. For example the tracking freezing potential [32]
V (φ) = M4
(
MP
φ
)p
(23)
is incompatible with the mass term. Indeed if the scalar field oscillates with a density
evolving as a−3, the field φ will sooner or later reach a negligible value and the tracking
freezing potential diverges.
We now consider the expansion of an exponential potential:
V (φ) =
1
2
m2φ2 + α exp
(
−β
2
φ2
)
'
φ→0
α+
1
2
(m2 − αβ)φ2 + αβ
2
4
φ4 ,
(24)
where α is determined by the dark energy density, and m and β by the galactic and cluster
scales, respectively. Therefore the exponential term can explain simultaneously the accel-
eration of the expansion, galaxy rotation curves and galaxy cluster scale. Numerically, the
modification of the mass term by the αβ term is tiny.
Another possibility is the addition of a pseudo-Nambu-Goldstone potential [33]:
V (φ) =
1
2
m2φ2 + µ4 (1 + cos(φ/fa)) , (25)
where m, µ and fa are constant parameters. In this thawing model the dark energy be-
haviour which presently dominates the evolution of the Universe will end in the future and
a new period of dark matter domination will happen in the far future. In Figure 2, the
9
Figure 2: Evolution of the dark fluid density for the simple dark fluid potential (solid
green line) and for the pseudo-Nambu-Goldstone potential (dashed purple line) with mass
m = 10−22 eV. Both curves are superimposed with negligible differences. The evolutions
of the baryon density and radiation density are the same as in the ΛCDM model, and are
shown in red and blue, respectively.
density evolution of the scalar field governed with the pseudo-Nambu-Goldstone potential
with mass term is the same as with the simple dark fluid potential defined in Eq. (14).
The dark fluid model can also be generalized to a complex scalar field with a U(1)
symmetric potential. The dark matter behaviour is based on the spintessence model [7].
The symmetry implies the conservation of a charge per comoving volume: Q = R2θ˙a3 where
R and θ are the amplitude and phase of the complex scalar field such as φ = R exp(iθ).
However, similarly to all the dark fluid models that we presented, the choice of the potential
remains arbitrary. The crucial point for a successful model seems to be that the dark fluid
needs to have a fuzzy dark matter behaviour, or in other words its potential should contain
a mass term with m ∼ 10−22 eV.
3 Triple unification
In this section we build a model in which inflation can be simultaneously explained within a
dark fluid model, in which the scalar field is non-minimally coupled to gravity. We restrict
our study to cases where the dark fluid potential is a polynomial of order 4.
3.1 Generalities
3.1.1 Chaotic inflation
Inflationary models have been introduced to explain the flatness and horizon problems.
Successful models are based on scalar fields with a slow-roll evolution during a sufficiently
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long time in order to provide a very large expansion rate in the early Universe, such that
N = log(aend/abeg) & 50 [34], where N is the number of e-folds. The so-called chaotic
inflation model [35], in which a scalar field with quadratic potential is in slow-roll during
inflation, can fulfil this constraint. Also in Ref. [14], it is shown that chaotic inflation can
be obtained together with dark energy using a scalar field associated to the potential
V (φ) =
m2
2
φ2 + V0 . (26)
The main problem to unify chaotic inflation and dark energy is that the observation of the
CMB anisotropies imposes m ' 3× 10−6MP [27], which is not in agreement with the mass
needed for a dark fluid model. Using instead a quartic potential which becomes dominant
during the inflation:
V (φ) ' λ
4!
φ4 , (27)
λ has to be of the order of 10−14 to be compatible with CMB data [27], which is incompatible
with the dark fluid setup. Therefore the dark fluid potentials derived in the previous section
cannot lead to a chaotic inflation in agreement with the observational data.
3.1.2 Non-minimal coupling φ2R
A first solution to unify inflation and dark fluid model would be to consider a non-minimal
coupling between the dark fluid scalar field and the scalar curvature. Such couplings have
been studied in the context of the Higgs-inflation scenario [36]. Let us consider the following
action:
S =
∫
d4x
√−g
[
1
2κ2
(
1 +
α2
M2P
φ2
)
R− 1
2
gµν∂µφ∂νφ− V (φ)
]
, (28)
with κ2 = M−2P and
V (φ) = V0 +
m2
2
φ2 +
λ
4
φ4 . (29)
The α2 coupling is chosen to be positive in order to ensure that the coupling to gravity
always remains positive. The parameters V0, m and λ are fixed by the dark fluid model
requirements, and the only free parameter is therefore α. This action is assumed to be
written in the Jordan frame in which the scalar field is non-minimally coupled to the Ricci
scalar R. To confront this model with the CMB data, it is necessary to rewrite the action
in the Einstein frame by making a conformal transformation. In the Einstein frame, where
the quantities are represented by a tilde, the metric is:
g˜µν = Ω
2gµν , (30)
where Ω2 is the conformal factor such that
Ω2 = 1 + α2
φ2
M2P
. (31)
Following Ref. [37], one defines the effective scalar field ψ and potential U such that
dψ
dφ
=
√
Ω2 + 6α4φ2/M2P
Ω4
,
U(ψ) = Ω−4V (φ) ,
(32)
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and the action (28) takes the form of the usual Einstein-Hilbert action:
S =
∫
d4x
√
−g˜
[
1
2κ2
R˜− 1
2
g˜µν∂µψ∂νψ − U(ψ)
]
. (33)
The observational constraints on the spectral index ns implies α
2 > 4× 10−3 [34].
On the other hand the parameter α can be constrained by the observational power
spectrum which is related to the potential by [38]:
δ2H =
4
25
PR = 1
150pi2M4P
U
v
, (34)
where
v =
M2P
2
(
U ′(φ)
U(φ)
)2
=
M2P
φ2
8
1 + (1 + 6α2)α2φ2/M2P
(35)
is the slow-roll parameter [37]. The power spectrum has to be calculated at the time of the
end of inflation tend, which is related to the number of e-folds N :
N =
∫ φend
φbeg
φ
MP
1 + (1 + 6α2)α2φ2/M2P
4
(
1 + α2φ2/M2P
) dφ , (36)
where φend corresponds to v = 1. Unfortunately, the system:
M2P
φ2end
8
1 + (1 + 6α2)α2φ2end/M
2
P
= 1 ,
8N = (1 + 6α2)
(
φ2beg
M2P
− φ
2
end
M2P
)
+ 6 ln
(
1 + α2φ2beg/M
2
P
1 + α2φ2end/M
2
P
)
,
P∗R =
λ
192pi2
φ6beg
M6P
(
1 + (1 + 6α2)α2
φ2beg
M2P
)
,
(37)
has no valid solution for λ ∼ 10−100. For example assuming α2 ≥ 1 the first equation leads
to α2φ2end ∼ 1.2M2P , the second one gives α2φ2beg ∼ 75M2P for N ' 55, and the third one
imposes α2 ∼ 10−42, which contradicts the other requirements. Therefore, it is not possible
to unify inflation and dark fluid with a coupling φ2R. This result is different from the
ones obtained in the context of Higgs-inflation model, in which the quartic coupling λ is
much larger. In our case the parameter λ is too small to reproduce the amplitude of the
anisotropies.
3.1.3 Non-minimal coupling φ2R2
A third possibility is to add to the action a non-minimal gravitational coupling to the scalar
curvature squared: φ2R2. Let us consider the following action:
S =
∫
d4x
√−g
[
1
2κ2
(
R+ αφ2R2
)− 1
2
gµν∂µφ∂νφ− V (φ)
]
, (38)
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where V is the dark fluid potential. In this model inflation has to occur when the αφ2R2
term drives the evolution. Our goal is to retrieve the Starobinsky inflation model [19]. Before
discussing the properties of the action (38), we briefly review the Starobinsky model, which
is a specific case of f(R) theories [39], in which the geometrical action reads
S =
∫
d4x
√−g 1
2κ2
f(R) , (39)
with
f(R) = R+
R2
6M2
, (40)
where M is a mass parameter. In the FLRW metric the Einstein equations lead to:
H¨ − H˙
2
2H
+
1
2
M2H + 3HH˙ = 0 ,
R¨+ 3HR˙+M2R = 0 .
(41)
Assuming that inflation occurs when RM and H˙  H2 one can show that [40,41]:
H(t) = Hi − M
2
6
(t− ti) ,
R(t) = 12H2 −M2 ,
a(t) = ai exp
(
Hi(t− ti)− M
2
12
(t− ti)2
)
,
(42)
so that the Universe experiences an exponential inflationary expansion.
In order to find a similar behaviour with the action (38), αφ2 needs to be constant
and equal to 1/6M2. However the scalar field is dynamical and follows the Klein-Gordon
equation, which reads in the FLRW metric:
φ¨+ 3Hφ˙+ V,φ − αφR
2
κ2
= 0 , (43)
and for which the only solution with constant φ corresponds to φ = 0 with the minimal
dark fluid potential.
To obtain a non-zero and constant φ, a possibility is to consider a potential with a
non-standard minimum which does not sit at φ = 0. We will study in the following the
potential:
V (φ) = V0 +
m2
8v2
(
φ2 − v2)2 , (44)
which has two minima corresponding to φ2 = v2. With this potential φ = ±v is a constant
solution to the Klein-Gordon equation, and the action (38) can lead to inflation, dark matter
and dark energy behaviours.
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3.2 R2 inflation
3.2.1 Z2 spontaneous symmetry breaking
The action (38) with the potential defined in Eq. (44) is invariant under a Z2 symmetry
(φ(x) → −φ(x)). At φ = 0 the potential has a local maximum and the theory is unstable
around this value. The two minima correspond to φ = ±v. When the scalar field goes
to one of these minima, the Z2 symmetry is spontaneously broken. The scalar field φ can
oscillate around one of the minima so that:
φ = ξ ± v , (45)
where v is a VEV and ξ is the variation of scalar field around the minimum. The action
(38) thus becomes:
S =
∫
d4x
√−g
[
1
2κ2
(
R+ αv2
(
1± 2
v
ξ +
1
v2
ξ2
)
R2
)
− 1
2
gµν∂µξ∂νξ − V (ξ)
]
, (46)
with:
V (ξ) = V0 +
m2
2
ξ2 ± m
2
2v
ξ3 +
m2
8v2
ξ4 . (47)
Also after the spontaneous symmetry breaking, a αv2R2 term appears in the action. This
term will drive inflation and the scalar field variation ξ will behave as a dark fluid.
3.2.2 Inflation in Einstein frame
Usually, as for example in the Higgs-inflation model, the symmetry breaking occurs after
inflation but in our case it is the opposite. After symmetry breaking, which corresponds to
|ξ|  v, the Universe can expand exponentially as in the R2 model. Assuming that ξ has
a negligible effect during inflation the action (46) becomes:
S =
∫
d4x
√−g
[
1
2κ2
(
R+
αv2
M2P
R2
)]
. (48)
This action corresponds to the f(R) = R + R2/(6M2) theory with 6M2 = M2P /(αv
2).
Starobinsky inflation model is known to be a viable inflation scenario. Inflation occurs when
RM2 and H2  |H˙|, and the typical value of M is 3×10−6mP with mP =
√
8piMP [40].
We make a conformal transformation to go to the Einstein frame, with
Ω2 = F (R) , (49)
where F (R) is the derivative of f(R). By defining an effective field ψ as:
ψ
MP
=
√
3
2
logF , (50)
the action becomes:
S =
∫
d4x
√
−g˜
[
1
2κ2
R˜− 1
2
g˜µν∂µψ∂νψ − U(ψ)
]
, (51)
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Figure 3: Potential U(ψ) defined in Eq. (52) as a function of ψ. Inflation starts at the
dashed red line and ends at the dashed blue line.
with
U(ψ) =
M2P
2
FR− f
F 2
=
M4P
8αv2
[
1− exp
(
−
√
2
3
ψ
MP
)]2
. (52)
The tilde in the action denotes quantities in the Einstein frame. Chaotic inflation occurs
when the potential dominates the evolution and changes slowly.
The shape of the potential is shown in Fig. 3, where one can see that the potential is
relatively constant in the region ψ MP . The slow-roll parameters of this potential, which
have to be small during inflation, are given by:
v =
M2P
2
(
U ′
U
)2
=
4
3
[
exp
(
2ψ√
6MP
)
− 1
]−2
,
ηv = M
2
P
U ′′
U
= −4
3
exp
(
2ψ√
6MP
)
− 2[
exp
(
2ψ√
6MP
)
− 1
]2 ,
ζ2v = M
4
P
U ′′′U ′
U2
=
16
9
exp
(
2ψ√
6MP
)
− 4[
exp
(
2ψ√
6MP
)
− 1
]3 .
(53)
The end of inflation is characterized by v = 1 so that
ψend
MP
=
√
3
2
ln
(
1 +
2√
3
)
' 0.94 . (54)
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The number of e-folds is given by:
N =
1
M2P
∫ ψbeg
ψend
U
U ′
dψ =
3
4
[(
exp
(√
2
3
ψbeg
MP
)
−
√
2
3
ψbeg
MP
)
−
(
exp
(√
2
3
ψend
MP
)
−
√
2
3
ψend
MP
)]
,
(55)
and one obtains for N = 55
ψbeg
MP
'
√
3
2
ln
(
4
3
N
)
' 5.26 . (56)
The scalar spectral index [42] and the tensor to scalar ratio can also be obtained as ns =
1− 6v + 2ηv and r = 16v, respectively. The CMB observations by Planck set constraints
on slow-roll parameters [43], which are presented in Fig. 4. Therefore our predictions are
in agreement at the one sigma level with Planck observational data.
In order to obtain the value of αv2, we will use the amplitude of the power spectrum
which is connected to the potential by [38]:
δ2H =
4
25
PR = 1
150pi2M4P
V
v
. (57)
The evaluation of this expression at the end of inflation, which corresponds to N ' 55 and
δH ' 2× 10−5, gives:
αv2 ' N
2
144pi2P∗R
' 109 . (58)
We have therefore a value for αv2, but α and v are not constrained independently. We
however made the assumption that the symmetry breaking occurs before inflation. This
assumption imposes only ξ < v and it is for this reason that we neglected all the terms in
front of R2 in Eq. (46) except the constant term.
As mentioned at the beginning of the section, αv2 is related to the parameter M of
the R2-inflation via M = 1/
√
48piαv2mP ≈ 3 × 10−6mP . In the following, we will use M
instead of αv2.
3.2.3 Reheating
In this section, we study the production of particles in the Jordan frame, which can be
created via the Unruh effect [44] for which an observer in an accelerated frame can observe
the emission of particles off the vacuum. Let us consider the usual reheating scenario after
R2 inflation [34, 40]. As long as the created particles do not modify the evolution of the
Universe, the action which describes the model is still:
S =
∫
d4x
√−g
[
1
2κ2
(
R+
R2
6M2
)]
, (59)
but the solutions (42) are no longer valid. After inflation the Hubble parameter and scalar
curvature are in a fast oscillating regime with M(t− tos) 1, where tos corresponds to the
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Figure 4: Marginalized joint two-dimensional 68% and 95% C.L. regions for the slow-roll
parameters (v, ηv, ξ
2
v), and the tensor to scalar ratio r as a function of the scalar spectral
index ns. The two-dimensional constraints are obtained by the Planck collaboration [34] us-
ing TT,TE,EE+lowE+lensing data (blue contours) and TT,TE,EE+lowE+lensing+BK15
data (red contours). The black lines correspond to the values of our inflation model for
50 < N < 60. The big black dot is calculated with N = 60 and the small one with N = 50.
beginning of the oscillations. The solutions of the Einstein equations are then:
R ' − 4M
t− tos sin (M(t− tos)) ,
H ' 4
3(t− tos) cos
2
(
M
2
(t− tos)
)
,
a
a0
' (t− tos)2/3 .
(60)
During this oscillating phase, radiation will be produced via the Unruh effect and the total
radiation energy density is given by [40,41]:
ρr =
g∗
a4
∫ t
tos
Ma4R2
1152pi
dt , (61)
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Figure 5: Possible evolutions of the dark fluid density ρξ (green) depending on its initial
density. The evolutions of the baryon density (blue) and radiation density (red) are the
same as in the ΛCDM model.
where g∗ is the number of relativistic degrees of freedom. At this period the radiation
density encompasses (at least) all the Standard Model particles. The evolution of the
radiation density is given by:
dρr
dt
+ 4Hρr =
g∗Ma4R2
1152pi
. (62)
The second term corresponds to a backreaction due to the expansion of the Universe. At
a later stage, when R becomes negligible and the right-hand side term in the previous
equation vanishes, the total energy density evolves as ρr ∝ a−4. The integration of Eq. (61)
is performed by considering the solution of Einstein equations given in (60). Without
considering the backreaction of radiation, we obtain:
ρr ' g∗M
3
240pi
1
t− tos . (63)
This density evolves slowly as compared to H2. The radiation domination era begins at
t ' tos + 103M2P /(g∗M3) and the reheating temperature can be approximated by [34,40]:
Tr ≤ 3× 1016g1/4∗
(
M
MP
)3/2
GeV , (64)
where the Tr is defined implicitly as the temperature at which ρr = g∗pi2T 4r /30.
As mentioned in the previous section the field ξ exists before inflation but its density is
suppressed by the expansion of the Universe and is negligibly small at the end of inflation.
The reheating mechanism of the field ξ is similar to the case of radiation. The energy
density of ξ is given by:
ρξ ' a
2
os
a6
∫ t
tos
Ma4R2
1152pi
dt . (65)
18
This density production is negligible compared to the radiation density since the latter is
proportional to the large number of relativistic degrees of freedom. The evolution of the
density of ξ is shown in Fig. 5 for different initial densities. One can notice that the scalar
field density has no influence on the evolution of the Universe until it starts behaving like
dark matter.
3.3 Dark fluid behaviour
After inflation the scalar curvature is small and the R2 term can be safely neglected. The
action (46) therefore becomes:
S =
∫
d4x
√−g
[
1
2κ2
R− 1
2
gµν∂µξ∂νξ − V (ξ)
]
, (66)
with the potential given in Eq. (47).
As we have seen in the previous section the scalar field ξ is expected to behave like a
dark fluid. The scalar field ξ can replace dark energy if:
V0 =
Λ
κ
= 2.5× 10−11 eV4 , (67)
and dark matter if:
m ∼ 10−22 eV . (68)
In addition to the constant term and the mass term the potential contains a ±m2/(2v)ξ3
term and a quartic term m2/(8v2)ξ4. The effect of the quartic term has already been
discussed in Section 2.2.3, and we have seen that λ = m2/2v2 has to be smaller than 10−98,
which implies:
v > 7× 1026 eV . (69)
With such a large value of v, which is one order of magnitude below the Planck energy,
the symmetry breaking will occur right after Planck time and well before inflation, and the
term in R2 can be safely neglected as we had assumed.
Let us study the impact of the extra ξ3 and ξ4 terms of the potential. The scalar field
ξ can emulate dark matter if it oscillates quickly around its minimum. In such a case,
neglecting the extra terms, the energy density of the dark fluid is:
ρξ ' ξ˙
2
2
+
m2
2
ξ2 + V0 = m
2〈ξ2〉+ V0 , (70)
where m is fixed to 10−22 eV and v = 7 × 1026 eV. Figure 6 shows the contributions to
the scalar field energy density from the different terms of the potential, as a function of the
scalar field value ξ. The average dark matter energy densities in the recent Universe, in
galaxies and in galaxy clusters are also shown for comparison. As can be seen in the figure,
the cubic and quartic terms have negligible contributions as compared to the mass term of
the potential. For example the average dark matter density in galaxies can be obtained for
ξ ∼ 3× 1020 eV. With this value we have:
m2ξ3
2v
/
m2ξ2
2
' 5× 10−7 ,
m2ξ4
8v2
/
m2ξ2
2
' 5× 10−14 .
(71)
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Figure 6: Contributions to the scalar field energy density of the terms m2ξ2/2 (red),
m2ξ3/2v (yellow) and m2ξ4/8v2 (violet) in the potential (47), as a function of the value of
the scalar field ξ. The horizontal line indicate the dark matter energy densities at different
scales and the potential constant term V0 corresponding to the cosmological constant.
The contributions of the cubic and quartic terms are even smaller at larger scales. Therefore,
they do not affect the dark matter behaviour of the scalar field in galaxies and clusters, and
the dark fluid behaves as fuzzy dark matter.
4 Conclusions
In this paper we have studied a scenario in which a scalar field does not only generate
inflation, but also replaces dark matter and dark energy. We have shown that such a scalar
field can exist provided a symmetry breaking occurs before inflation, and that its mass term
is as tiny as m ∼ 10−22 eV.
In a generic way, we showed how we can extend the potential of dark fluid models. In
dark fluid scenarios the scalar field oscillates quickly around its non-zero minimum during
the matter-domination era, and the potential is dominated by a quadratic mass term. The
shape of the potential on the other hand is unknown during the radiation-domination era
and remains rather unconstrained. We showed that such a model can be consistent with
the observations of the cosmological microwave background, the Lyman-α forest, galaxy
rotational curves, and replaces both dark energy and dark matter.
We have also studied a triple unification model, relying on a single scalar field with a
non-minimal gravitational coupling to the squared scalar curvature. The potential of this
scalar field has been chosen to be a one-dimensional Mexican hat with two displaced minima
plus a constant term. The constant term may also be replaced by a quintessence potential.
After a discrete symmetry breaking similar to the one of the Higgs mechanism, a constant
term appears in front of the squared scalar curvature, which can generate a R2-inflation.
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At the end of inflation, the Standard Model particles will be produced via a reheating
mechanism and the massive scalar field resulting from the symmetry breaking will also be
reheated. This scalar field has the dark fluid properties and can simultaneously replace
dark matter and dark energy. This scenario, in addition to replacing inflation, dark matter
and dark energy with a single scalar field, leads to a dark matter behaviour similar to the
one of fuzzy dark matter, which alleviates the cuspy halo and missing satellite problems.
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